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Star Formation

e stars contain most of the luminous mass in the

universe

e stars are the ‘fundamental’ building blocks of
open clusters, globular clusters, and galaxies,
analogous to the way that atoms are the
building blocks of matter

e unlike atoms, individual stars evolve, having a
beginning and an end, and they have a
continuous spectrum of characteristics (in mass,
luminosity, etc.)

the interstellar medium (ISM)
chemical abundances and evolution
galaxy evolution

stellar populations (incidence of binarity,
distribution of masses, pop | & Il (& Il 7) stars)

stellar systems (open clusters, globular clusters,
cataclysmic variables)

planetary systems




Intrinsically, of course, the phenomenon of star
formation is interesting in and of itself, involving
many different physical processes:

o Gravity

Magneto-hydrodynamics (MHD)

Radiative transfer

Chemical processes

Accretion disks

o Jets

So what kinds of questions would we like to be able
to answer?

e when and where do stars form?
e what is the efficiency?

e what is the distribution of masses? (the ‘initial
mass function’ — IMF), and is it universal?

e Do most stars form in clusters or in isolation?
e How are binaries formed?

e How does metallicity affect star formation?
— difference between pop Il and primordial star
formation?

e Does collapse proceed from a quasi-equilibrium
state, or is the cloud in a state of turbulence?




Role of Rotation?

Role of Magnetic fields?

How do discs form and operate?

How do jets/bipolar outflows operate?

How do planets form?

Well, these are the things one would eventually like
to know about, but we are not very close to
understanding many of these points, whereas other
points are fairly well-understood from an

observational perspective.

Recent Star Formation: Young Stars

=— Surface remperarure (K)
25,000 10,000 8000 4000 5000 4000 3000

10¢ -10

101

102

0
5 :
g :
o |
'g 1 E
g )
=l iz
=
102 #10
10+ -+ +15

- b of
AD  F0O GO KO MO MS
Speciral tvpe

Lo M*® = 1ygo M/Loc M™%

O3B0

Massive stars have much shorter MS lifetimes than
the Sun, of order 10° years.



Evidence of recently formed stars

— young if still on main sequence

— not visible before main sequence

— visible before main sequence: T-Tauri stars
(variable, have emission lines)

— more rapidly rotating and more convective
than their main sequence counterparts
=> more magnetic activity

— show infrared and UV excess attributable to
an accretion disk

From the observed relative numbers of systems in
different stages of collapse, the following timescales
have been inferred:

Pre-collapse molecular cloud up to 107 years
Collapse ~ 10° years
Post-collapse/pre-main sequence ~ 107 years




Say you've got a self-gravitating fluid (Spitzer, pp.
215-17; Shu, pp. 328-337):

Now take the scalar product of 7 with this equation
and integrate over the volume interior to a chosen
co-moving surface. After an integration by parts, we

have
1 D?]
§—Dt2 = 2Ekin + 3H + En]ag -+ Egrav =
where
I=  [pridv
Exin = 5 [pv?dV
IT = [ pdV

Emag = 5= [ B2V
Egpav = 3 [ p®dV

In order for collapse to occur, gravity must dominate
all other sources of support, i.e.,

—FEg > 3H+Emag 4+ 2FEin + ...

Assuming a spherical, uniform density, isothermal
cloud, and an ideal gas equation of state,

, and considering only
thermal support, we find

5R,T\*?/ 3 \/?
M. = (229t o
- ( Gu ) (47rp>

15 R,T\ */?
or RJ:(_ g>

A7 nGp
e Clouds with M > Mj (R > Rj) will collapse.

e Can be derived from a more formal stability
analysis (“the Jeans Swindle").




Consider contraction with the following polytropic

relation:

SO

Pxp? = Txp’
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For rotation,

Due to conservation of angular momentum

SO

2
v &~ —a— + bMR*Q?




If the flux is frozen to the fluid, then the flux across
any surface is constant, so

SO

But we can define a “magnetic Jeans mass” for
gravity to overcome magnetic pressure:

—FEq > Emag =
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Angular Momentum

Specific angular momentum of GMC's is much

greater than that of the stars which they form: — Pre-collapse: Magnetic braking:

tries to enforce uniform rotation on a cloud,

transports angular momentum outward

molecular cloud ~ 1 pc > 1073 _ o ]
. oud 01 107 — Collapse: Formation of binaries/discs
ense cloua core ~ U.1 pC
Sun 1015 — Accretion phase: viscous processes in accretion
3-day to 10%-year binary 1019-102! disc transport angular momentum outward and

T-Tauri star 107 mass inward

Discs/Jupiter 1029 — Stars:
magnetic breaking through stellar winds
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Ambipolar diffusion

— this drift is produced by the competing forces of
gravity, which acts on both the ions and
neutrals, and the magnetic field, which acts
only on the ions

e timescale (Spitzer, pp 294-295)

GMp
7z = Ni{VmOcon)nm, mu, up
4 GRmH2 ny,
Uup = — -
3 (VthOcoll) M
R 3 (VthOcoll) M
tambi —

Uup 47 GmH2 nNH,

= 5.0x 1013& years
nH,

In high density regions the ionization fraction can
get as low as

— long enough for cloud lifetime (~ 107 years)
— too long for initial star formation:

< 10% of GMC's do not have stars
Time until first star formation is
~ 0.1tgmc ~ 106 years < tambi

— more importantly, M ;(mag)~ 103 M, for
average GMC conditions
— cannot form cores with M ~ a few Mg




Turbulence, through its kinetic energy, also offers a
mechanism for support in GMC's. In the case of
fully developed, homogeneous, isotropic turbulence,
the kinetic energy spectrum is the given by the

“Kolmogorov" scaling law:

Fropa = / dkEy,  Egoc k503
k

0

The fact that such turbulence has a power law
dependence on length scales (k) means that it is
self-similar over this range. As we will see, GMC's
also exhibit self-similar behaviour, which has led
many to seek an explanation for this in terms of the
turbulence of the cloud.

Since there is no general theory of turbulence, and
consequently no simple scaling relation for how it
would evolve during collapse, we have not attempted
to estimate its effects in any semi-quantitative way.

“Gas Dynamics”, vol. Il, Frank Shu, 1992

“Physical Processes in the Interstellar Medium”,
Lyman Spitzer, 1978

Also, the “special edition” issue on star formation in
Science is a good general reference:

http://wuw.sciencemag.org/content/vol295/issue5552/#specialintro




Molecular Clouds:

The Cone Nebula (NGC 2264)

The Omega Nebula (aka, M17 and
“The Swan Nebula”)



Molecular Cloud Structure

definitions
regions of the ISM in which
the gas is primarily molecular
e detected in CO millimeter emission

e GMC's (giant molecular clouds) have masses
> 10* M, but small clouds may have
> 10* Mg,
regions of high-pressure and density in
GMC'’s
e the sites of clustered star formation
e may comprise a small fraction of the total

volume of the complex (~ 3%)

regions out of which single stars (or multiple
systems such as binaries) form

Structure of Molecular Clouds

non-uniform

GMC's in the Milky Way have mass ranges of
10° to 105-° Mg

spatial scales of 10-100 pc

median radius of ~ 20 pc, median mass of
3.3 x 10° M,

have a power law mass spectrum of

dNamc
dMgwmc

mass between My and My (Ms > My) is

M dN
Migial ~ / dM M =——
ot M, dM

o« MY — M

—~1.6
X MGMC




Fig. 2. A CO integrated intensity map (white contours) overlaid on a true color HST image of the
Antennae galaxies (95) from (27). [Courtesy Christine Wilson] The young S5Cs are the bright blue
objects seen in this image.

dNamo x M—1.4:|:0.1
GMC
dMgwmc

e The Main difference between starbursting

systems and the GMC's in the Milky Way is the
upper mass limit for the GMC's (larger in
starbursting systems); otherwise, they appear to
be the same

The observations seem to suggest that the
SGMC's (“supergiant molecular clouds”) in the
Antennae were formed by the agglomeration of
smaller clouds (e.g., GMC's)

It may be that all GMC's and SGMC's are
produced from the agglomeration of smaller
clouds

Since the physics of agglomeration does not
depend on local quantities, we would expect
there to be a universal mass function for GMC's
if they are formed by agglomeration




e measured linewidths are dominated by turbulent

motions
AVgyrp ~ 0.2 = 15 km/s ¢5 ~ 0.15 km /s,
= AUturb > Cs

e Clouds display self-similar/fractal structure over
a large range of length scale

— Mean density versus size:

= M o« R'®5 (a volume filling factor of 1
would give M oc R?)

— Velocity dispersion, Awv, versus size:

—FEqg ~ 2Fxn (thermal + turbulent )

2
Gj\g ~  MAv?
M 1/2
= Av ~ —
o~ (%)
~ [R0-425

?

this is the second Larson relation, and the exponent
agrees with the observationally determined one
within the rather large error bars




Distribution of clump masses

e clump mass spectrum

where ~ varies from cluster to cluster with
v~ 1.740.1

— most of the mass is in massive clumps
=> most stars form in massive clumps

= most stars form in stellar clusters

e this is different from the stellar mass spectrum

= most stellar mass in low-mass stars
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Fig. 6. Clump mass spectra of the eight data sets we
analyzed. All spectra are fitted by a power law func

tion dN/dM o M

". The straight line represents

the best lingar fit over the range of masses spanned
by the ling. The resulting indices o lie in Ehn, range
1.59 to 1.79. The minimum possible mass M5

given by the resolution limits and the rms noise, s
denoted by a dashed line for cach data set.



Clump mass spectrum

™

S
g 10 T /
2 Incemplete N T

sampling
e from clouds as large as 10* M, to clumps as 1 L o™
small as 1073 M, '

AN/AmM < m > L]

= ! 1
107" w
Clump mass, m {(Mg)

10

= clouds are scale free over this range

Fig.5. Frequency distribution of masses for 60 small-scale clumps
extracted from the mosaic of Fig. 1 (solid line). The dotted and long-
dashed lines show power laws of the form AN/Am ~ m ™ *° and
AN/Am o m~2?, respectively. The error bars correspond to v/ N
counting statistics.
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Figure 4. 3-m continuum emission in the Serpens molecular cloud (from Testi
and Sargent 1998). This map is the result of a mosaic of 50 fields using the
OVRO interferometer. The synthesized beam is 5.7" X 4.3" (FWHM) and is
indicated by the filled ellipse in the lower right corner. The noise level is o =
0.9 mJy beam ' and contours begin and are in steps of 3¢. A large number of
sources, each a dense dust condensation, are visible. The previously known far
infrared and submillimeter sources are marked with crosses and labeled. The
core mass spectrum has a slope dV/dM = M ~=! and more closely resembles
the Salpeter IMF than the clump mass spectrum in molecular clouds.

Core mass spectrum

Mass Spectrum of P Oph Prestellar Condensatlons

T TY] 1

. /Salpeter’s an

10' |

Nb of objects with M, > M

Mass, M (M)

e strongly suggests that the form of the IMF may
be determined by prestellar core formation




e molecular clouds exist for ~ 10 free fall times:

3r \ /2
tg = (32Gp> =3.4x10"n"1/? years

For large-scale mean density ~ 50cm™3,

tg ~ 5 x 10% years ~ 0.1 tcioud
clouds require support

e maximum age of stars still associated with
molecular clouds is 2-4 x 107 years

e thermal support? No: ¢, < Av

e turbulence? Av is large enough

— but motions are supersonic

— expect shocks
— shocks should dissipate turbulence

e magnetic fields to cushion shocks?
equipartition between kinetic and magnetic field
energy needed

— Alfven speed vy ~ Av

= requires B ~ 25uG, similar to what is observed

however, all current MHD simulations suggest
that turbulence still decays rapidly (no more
than a factor of 2 slower than the non-magnetic
case)

— stellar winds?
— jets and outflows?

— galactic shear?




Two different possibilities for pre-collapse conditions:

centrally condensed

roughly spherical

near uniform density
irregular structure

“triggered collapse”

z (pe)

z (pe)

0.8

0.4F
0.2F

0.0F

Bk, Lae

-0.4 1.

% * e
.
we

.®® ®
-

.- = *

-0.4

-0.2 G.0
x (pe)

0.2




Result

Shock strength

Adiabatic exponent

No collapse

o km/s
o km/s

Momentum < 0.1M,
Momentum > 0.1M

Collapses

no collapse;

All velocities

Talap}

cloud shredded

May collapse

velocity < 20 km/s

Collapses

= 20-45 km/s
> 45 km/s

velocity

self-consistent

Cloud shredded apart

velocity

72 SHU, ADAMS & LIZANO

Figure 7 The four stages of star formation. (@) Cores form within molecular clouds as
magnetic and turbulent support is lost through ambipolar diffusion. (b) A protostar with a
surrounding nebular disk forms at the center of a cloud core collapsing from inside-out.
() A stellar wind breaks out along the rotational axis of the system, creating a bipolar flow.
() The infall terminates, revealing a newly formed star with a circumstellar disk.




Ballesteros-Paredes, Klessen, and Vazquez-Semadeni
(2003) have recently shown molecular cloud cores
may not be in near hydro-static equilibrium
[Bonnor-Ebert (BE) spheres]

Klessen et al. (2003, “Paper II") also show that
such cores in the simulations can also have velocity
structures normally associated with hydro-static

configurations.

thermal support only
no rotation
no turbulence

no magnetic field

uniform density
singular isothermal sphere (p o 1/r?)

intermediate density profiles
— Bonner-Ebert spheroids

— Gaussian profiles




3

log r

Fi1G. 1. The variation with time of the density distribution in the collapsing cloud (CGS
units). The curves are labelled with the times in units of 1013 5 since the beginming of the
collapse. Note that the density distribution closely approaches the form pocr—2.

—

(Shu, F. H. 1977, ApJ, 214, 488)
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FiG. 1.—Density distributions of bounded isothermal
spheres. The outer radius of each sphere is given by the inter-
cept of the corresponding curve with the abscissa. The curve
marked *‘critical” denotes the sphere with the maximum
mass consistent with hydrostatic equilibrium at a given
external pressure. Hydrostatic spheres which are less centrally
concentrated than the critical Bonnor-Ebert state are gravita-
tionally stable; those which are more centrally concentrated
are gravitationally unstable. In the limit of infinite central
concentration, the latter spheres approach the singular
solution.



e Starts with p oc =2 density profile (Shu, 1977)

e Collapse occurs from “inside-out”, i.e., denser
regions collapse first, expansion/rarefaction

wave travels outward

e mass of central object increases linearly with

time

— essentially this model is a constant accretion
rate solution of matter onto a central object

It is possible that such initial conditions can arise in
quasi-static, pressure supported cores (Bonnor-Ebert
spheroids) or through ambipolar diffusion, although
the diffusion timescale may be too short

cloud boundary
r,~107 cm




Initial Conditions:

[ ]
— p o< 72 when protostellar core forms
— but velocities are non-zero, unlike singular
isothermal sphere
— accretion rate not constant, decreases with
time
— collapse is still “inside-out”
[

(Bonnor-Ebert spheroids, Gaussian profiles)

— relatively uniform-density central regions,
p o< 72 outer regions

— accretion rate also decreases with time

e All previous discussions were for an isothermal
gas

e Whether the collapse is isothermal or adiabatic
determines the nature of the collapse

Consider the Jeans mass: M; oc T3/2p=1/2

— assuming P o p? (polytrope) = T o< p? 1,

v < 4/3: collapse without limit

v > 4/3: collapse can be halted, formation
of hydrostatic core
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Fig. 3. The evolution in the (log p, log T) plane of a protostar in the initial
phase of collapse (from Tohline, J. E. 1982, Fund. Cosmic Phys., 8, 1.)
Point A indicates the beginning of the adiabatic collapse phase, point B the
onset of molecular dissociation, and point C the completion of dissociation.
Dashed lines represent loci of constant Jeans mass.

densities: 10719-1071* g/cm?3
optically thin
grain cooling balances compressional heating

isothermal = v =1

densities: 107 13-109 g/cm?3

optically thick to infrared radiation from
dust grains

~ adiabatic core of molecular hydrogen:
v=7/5
core is quasi-hydrostatic, not collapsing

core accretes mass and contracts




densities: 1079-1072 g/cm3,
T 2000_5000 K T T T T T T T T

at 1" ~ 2000 K, H> begins to dissociate 2}

energy of collapse goes into dissociation, not
heating, so v is reduced:

log {-u)

densities: > 1072 g/cm3, T 2> 5000 K ¥

Ho completely dissociated, ~ ideal, i ‘F—_}Ii T
monatomic gas i H

optically thick, adiabatic "L L lgll L g! | I -

log r

Fi1G. 2. The density and velocity distributions at a time shortly after the formation of the
second (stellar) core (CGS units). The shock fronts are represented by the regions of steep
positive slope in the velocity curve,

accretion of infalling gaseous envelope
remnants of first core disappear

protostar begins to burn deuterium




p o< r~2 at large radii (r 2> 3000 AU)

flatter in the centre (p o r* with a = —0.4
to —1.2)

outflows thought to be correlated with
accretion
=

This can be explained if the pre-collapse
clouds are not very centrally condensed

e may be an appropriate description far from the
accretion centre

e breaks down in the vicinity of the protostar
(unless the accreted material literally has zero

angular momentum)

o therefore, the preceding picture of accretion
directly onto the surface of the protostar must
be modified

This naturally leads us to consider. ..




e not just important in star formation
— mass-transferring binaries
— cataclysmic variables (accretion onto a
white dwarf)

— X-ray binaries (accretion onto a neutron
star or black hole)

— central black holes (AGN/quasars)

o theoretically, they have to exist

— angular momentum of gas does not allow it

to collapse to a point

— disk must extract angular momentum from
gas, allowing it to fall onto the central object

= most of a star's mass passes through an
accretion disk

e observationally, ...

They really do exist!

Edge-On Protoplanetary Disk

Orion Nebula

M. J. McCaughrean (MPIA), C. R. O’Dell (Rice University), NASA

PRC95-45¢c - ST Scl OPO - November 20, 1995
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Jets from Young Stars

PRC95-24a - ST Scl OPO - June 6, 1995
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e Structure of a thindisc: H K r

(3’
EL.,/_ \—/ =

For a vertically isothermal, ideal gas,

dP z
P~ c2p, == 0:p 9= R0
0 r

2 3\ 1/2
ipzp(r)exp(—z—), HECS( 4 )

2H?

— circular velocity very close to Keplerian
1/2
vy = Qr, @ = (%5*)
— local Keplerian velocity is highly supersonic

Mach number M = vy/cs

— effective kinematic viscosity

v = acsH, where o« is a dimensionless
parameter and we expect a < 1

— radial inflow velocity is small

v~ vfr e~ acsHIr < ey
e viscous timescale > dynamical/orbital timescale

T 7'2
tvisc ~ T N
v, UV

=1k

where P is the orbital period at radius r




0 )

- ifrerenti ~3/2 - - . -
e disc rotates differentially (Q o r ), contains — “alI” the matter winds up at the origin

shear motions - :
— “all” the angular momentum is transferred

e viscous coupling at neighboring radii (annuli) out to infinity
attempts to reduce shear .

T T T T T

= speeds up outer annulus, slows down inner
one

e angular momentum transferred outward o

e inner annulus moves inward, outer annulus

moves outward

Final state 0

0.0 04 24
Figure 1 The viscous evolution of a ring of matter of mass m. The surface density Z is
shown as a function of dimensionless radius x = R/R,, where R is the initial radius of the
ring, and of dimensionless time t = 12vt/R} where v is the viscosity.

e ‘all' the mass winds up in the centre

e ‘all' the angular momentum transferred out to

infinity
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fog R

Figure 1. A log-log plot of surface density £ versus radius R for the similarity solution given by equations (3.3) and

(3.4). £ and R are in arbitrary units. The outer disc radius increases with time, and time increases by a factor of {10
for each model.

e outer edge of disc expands

e matter is accreted onto the central point

— far too small in protostellar discs

[ ]

— magnitude of effective (turbulent) viscosity
small, disc may not be unstable to
convection

[ ]

(Balbus-Hawley instability)

— looks promising

Non-local angular momentum transport mechanisms
e spiral shock waves (induced via a companion)

e gravitational torques (discs must be
self-gravitating, massive)

— disc develops spiral density waves

— very efficient (a > 1)




e presence of even a weak magnetic field leads to

o ottt ok

— field perturbed radially
— field tries to enforce rigid location
— angular momentum transferred outward
— field displaced farther outward
— instability grows rapidly
o effective value of « in the range 0.05-0.1

— assumes flux freezing

e depends on the ionisation fraction
— « may be much less than flux freezing case

— may lead to a ‘dead’ zone inside the disc
where the ionisation fraction is low

disc joins continuously to star
star expected to be rotating near breakup
if star is not rotating at breakup, i.e.,

(1, < QKkep, then there is a boundary layer in
which the gas is slowed down:

1 .
Lpy = ;M (e, — Q2F) R

1 GM M
up to half the accretion energy can be
release in the boundary layer, producing UV

€XCess

gas from disc falls onto star along field lines

gas lands near the poles in ‘hot spots’,
emitting UV radiation




observations of CTTS show rapidly infalling gas

— velocity of gas provides constraints on the
star’'s parameters:

T-Tauri stars not observed to be rotating near

break-up (Poreakup ~ 0.1 days)

— Classical T-Tauri stars P ~ 8 days

— Weak-line T-Tauri stars P = 2 days

magnetic field allows star to be anchored to disc

strength of the magnetic field determines the
corotation radius, and therefore the rotation
rate of the protostar

with observed fields of ~ 1 kG, the central star
would have a equilibrium rotation rate of ~ 10
days

when disc is later dispersed, star can contract
and spin up to P ~ 2 days

e young stars which undergo rapid increases in

luminosity, ~ 4 mags
— outbursts last ~ 100 years

— attributed to an increase in accretion
(2 107*Mg/yr)
— ~ 0.01 My accreted per outburst!

— each star estimated to undergo ~ 10
outbursts

e observations of FUORs

— disc outshines star—easy to study disc

— double-peaked absorption lines from rotating
accretion disc




[nfalling
Envelope ‘“\'

4
dM/dt (wind) ~ 107! dM/dt (acc) dM/dt (infall) ~ 105 —

Figure |

Schematic picture of FU Ort objects. FU Ori outbursts are caused by disk accretion

increasing from ~ 10 T Mg yr Mo~ 1074 Mg yr ', adding ~ 10 2 Mg to the central T Tauri
star during the event. Mass is fed mto the disk by the remanant collapsing protostellar envelope
with an infall rate < 105 Mg yr!; the disk ejects roughly 10% of the accreted material in a
high-velocity wind.
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in the accretion disc

are potentially
important since the disks should be massive

passage of a close companion star near the disc

material piles up behind a planet in the disc
until the gas becomes unstable

e Two

e both

e time

kinds of outflow

highly collimated

high velocity (= 400 km/s)
believed to be 95-99% neutral gas
densities ~ 103 cm™3

can be up to 10 pc long

contain Herbig-Haro objects (optical

emission from bow shocks)

poorly collimated

lower velocity (= 100 km/s)
dynamical times 10* — 10° years
believed to be driven by the jet

outflows are bipolar

evolution

— power in jets/outflows decreases with time

— opening angle of outflow thought to increase

with time
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FiG. 3—Cross section of bow shock geometry and shell of swept-up
mat_erlal for a radiative shock. The pressure generated in the shocks is rapidly
dissipated near the jet head, so the cocoon has negligible pressure far from the
jet head. Away from the jet head, the cooled, shocked material sweeps up a
dense shell in a momentum-conserving snowplow phase.
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e well-developed theoretical ideas linking mass
loss from outflows with disc accretion
e observationally ...

— correlation between bolometric luminosity of
deeply embedded objects (mostly accretion
luminosity) with power of CO outflows

— mass loss from outflows ~ 1076 M, /yr

— accretion rate to form a solar-mass star
during embedded phase ~ 107> M, /yr

=
e since outflow power is observed to decrease with

time, we infer that the accretion also decreases
with time

high velocities (~ escape velocity at star’s surface)
imply that jets are formed deep in the potential well

models of Blandford & Payne (1982)
— disc threaded by poloidal field

— material accelerated along field lines by
centrifugal forces

— jet collimated by toroidal magnetic field

disc wind model (e.g., Pudritz et al. models)

— disc wind generated at range of radii

— jet from inner region

wind perhaps generated by strong gradients in

magnetic pressure close to star/disc boundary

Shu et al. model

— jet originates at magnetic field cusp

— cusp occurs in the boundary between star and
disc

— or at inner edge of magnetically truncated disc




Driving Jets

Circum-steliar Disk

=]
=
&
-3
L4
|

— Optical Jet

e May be driven by jet through entrainment of

surrounding gas

- @,,-,/L; o — turbulent layer at surface of jet
s | . .
—— /-‘ — interaction at the bow shock

e in addition to jet, there may be a low-velocity

Figure 6. A schematic drawing of the magnetohydrodynamical model.

disc wind

e outflow may be collimated by gas in the

infalling envelope

(FIELD LINE)

KEPLERIAN DISK
@ sPu

— opening angle observed to widen with time

— excavated by wiggling jet?

DISK CORONA
g’ ==P_)

— excavated by wind?

hits)

ACCELERATING GAS

— material with higher angular momentum falls

e e e e MIPLANE

in later

— high angular momentum gas cannot

=
E
o
&
o

occupy space above poles

ure 3. Structure of a protostellar accretion disk, its threading magnetic field,
d the associated hydromagnetic disk wind

Fig:
an

= expect wider cavity with time




— young star
— circumstellar disc

— infalling gaseous envelope

— contraction and nuclear burning
— accretion
e spectral energy distribution (SED) depends on
the relative importance of these components:
blackbody spectrum at 7

temperature of disc varies with radius,
not a single temperature blackbody
absorbs/re-emits and scatters light

— very cold
— long wavelength radiation

Three main classes based on SEDs: vF),, versus v

protostellar core and disc embedded in in-
falling envelope

most radiation emitted from envelope, seen
in infrared

luminosity primarily from accretion (not
nuclear burning or contraction)

ages < a few times 10° years (~ tg)

tenuous or no envelope

optically visible, with infrared and ultra-
violet excesses:

— IR: cool disc material
— UV: accretion onto star

also known as Classical T-Tauri stars (CTTS)

— strong emission lines (e.g., Ha) from
accretion

ages a few times 10° years
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— extreme version of Class |

— pre-stellar dense molecular cloud cores
— very cold (15-30 K)
— near blackbody SED

Finally, the average envelope mass is seen to
decrease with class number:

Class 0:  Mepy ~ 0.2-3 M
Class I:  Megpy ~ 0.02-0.3 M,
Class Il:  Meny < 0.03 Mg

Evolution from protostar to main-sequence

e evolution in the H-R diagram
— temperature

— luminosity
o effects of accretion on H-R diagram evolution

e evolution of a star’s spin
— star-disc locking

— magnetic braking




protostellar core has M < Mg,

star not in equilibrium
— accreting gas from disc, surface heated

— contracting, not in thermal equilibrium
star is fully convective (on ‘Hayashi Line’)

star contracts on the ‘Kelvin-Helmholtz’

timescale:

Thermal Energy ~ GMZ/R,
Energy Loss Rate L,

tKkH

~ 3x10" years (Solar-type star)

txu shorter for higher mass stars

temperature increases as star contracts

— virial theorem = (T> ~ %

When T, ~ 10% K, star begins to burn

deuterium

— contraction effectively stopped due to new
energy source

contraction resumes when deuterium exhausted

eventually, temperature becomes high enough

for hydrogen fusion (7, ~ 10° K)

— if M, 2 0.1 Mg

star is now on the zero age main-sequence
(ZAMS), and is in thermal equilibrium




Evolution in the H-R Diagram

e young low-mass stars are fully convective

— evolutionary track for pre-main-sequence star
as it contracts toward the main-sequence

— tracks are nearly vertical in H-R diagram

— Hayashi track gives lowest T.g for an object
in quasi-static equilibrium

= ‘forbidden region’ lies to the right of the
Hayashi track

e stars with M 2 0.5 M, develop radiative cores

e Henyey et al. (1955) track

— appropriate for radiative (non-convective)

objects

— ~ horizontal in H-R diagram

Schematic pre-main-sequence track

"o

Q‘ Forbidden

= Region

=

o \

ol

=

‘o

=] .

& =8~

: S,

3 : S~ HLL
Effective Temperature logo( Tett)

Fig'ure 2. Atheoretical PMS track (schematic). A star of a fixed mass is first convec-
tive and descends a nearly vertical path, eventually turning onto the more horizontal
radiative track discovered by Henyey et al. (1955). The vertical path and its down-
?;i;réil extension (dotted line) form the border of the forbidden region of Hayashi

).




Example pre-main-sequence tracks (no accretion)

T T T T T LI T T

e The stellar birthline appears to coincide with
the deuterium-burning main-sequence

e ‘Explanation’

— young stars obscured by dusty envelopes

10g,y (L/Ly)

— onset of deuterium burning somehow creates
wind which blows away envelope

= stars not observed before deuterium-burning
stage

e Problem

o 1 ; i ) 1 . PR L
3.8 3.6 3.4 — no self-consistent model of how deuterium
log,, (T/K) ) .
Figare 1. A Hertzsprung - Russell diagram showing constant-mass pre-main-sequence tracks of solar metallicity (£ = 0.02) stars in the range (L1 to 2.0 M. b u rn l ng Cou |d |ea d to Wl n ds

Isochrones of ages ranging from 10" 10 10° i are drawn across the tracks. The models were begu
by small displacements of this starting point. The zero-age main and deterum-burming sequen

radii large enough that these isochrones are not affected
appear as dots logarithmically spaced in mass,
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Figure 4. The birthline for low-mass stars (from Stahler 1988).The hatched region
shows the variation in the birthline for protostellar mass accretion rates from 2 x 10~°
to 1 x 107 Mg yr~'. The lighter solid curves are the PMS tracks of Iben (1965),
each track labeled by the corresponding mass in solar units. Open circles are
observations of CTTS in Taurus-Auriga by Cohen and Kuhi (1979), while filled
circles are NTTS from Walter et al. (1988).

e Better explanation

stars evolve rapidly down Hayashi tracks,
unlikely to be seen

obscured by envelopes

spend a longer time on the
deuterium-burning sequence

reasonable chance of envelope being
dissipated during this time

if stars are still accreting, they will just move
along this deuterium-burning sequence (to
higher masses)




e In theory, placing a pre-main-sequence star on
the H-R diagram gives:
— the star's mass
— the star's age

e But, it is very difficult to make accurate models
of pre-main-sequence stars

— model atmospheres
— relatively low temperature
— molecules
— dust
— grey/non-grey
— opacities

— convection

e models worse for lower mass stars (cooler,

molecules)

e published pre-main-sequence tracks:

Swenson, F. J., Faulkner, J., Rogers, F. J.,
& lglesias, C. A. 1994, ApJ, 425, 286

D’'Antona, F. & Mazzitelli, . 1994, ApJS,
90, 467

D’Antona, F., Ventura, P., & Mazzitelli, I.
2000, Apd, 543, L77

Baraffe, |., Chabrier, G., Allard, F., &
Hauschildt, P. H. 2002, A&A, 382, 563




Spectroscopic, double-lined, eclipsing binaries are

able to provide good constraints on a star’s position

in the H-R diagram

e yield both masses and radii for the stars

e unfortunately, they are very rare
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see Tout, C. A., Livio, M., & Bonnell, I. A.
(1999)

tracks depend on

— metallicity

— accretion history

— initial state of the star

an incorrect metallicity can result in errors of

— a factor of ~ 2 in mass
(between Z = 0.001 — 0.02)

— a factor of ~ 10 in age

for a fixed metallicity

— accretion history can alter mass estimate by
up to 50%
(but < 20% for masses < 0.5M)

— accretion history can alter ages by factors of
2-5

log m([‘/ L@)

3.8 3.8 3.4
108 10(Tgr/K)

Figure 13, The distribution of the factor by which mass at a given point in the HR diagram differs between our standard accreting tracks and non-accreting
tracks. Over most of the diagram the difference is small, being nowhere more than 50 per cent. Al temperatures less than about 10" K the accreting mass is
larger, while at higher temperatures the accreting mass i ler. Some non-accreting tracks and isochrones are overlayed. and the shaded region is that for
which we have both accreting and non-accreting tracks available. Twice as many accreting tracks as plotted in Fig. 2 were required to achieve the resolution
of this figure.




Typical errors in estimating age due to unknown
accretion history
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Figure 14. The distribution of the factor by which age at a given point in the HR diagram differs between onr standard accreting tracks and non-accreting
tracks. For temperatures less than ahout 107K the accreting stars are younger (ie., they appear older than they are when their age is estimated hy
comparison with non-accreting tracks), while at higher temperatures they are older. Some non-accreting tracks and isochrones are overlayed, and the shaded
region is that for which we have both accreting and non-accreting tracks available. Twice as many accreting tracks as plotted in Fig. 2 were required o
achieve the resolution of this figure.

(Tout, C. A., Livio, M., & Bonnell, I. A. 1999, MNRAS, 310, 360)



